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BIG CHALLENGES IN PLANET 
FORMATION MODELING + 

OBSERVATIONS
• planets form from small (by mass) component of the 

disk — think metallicity. ISM has gas-to-dust ratio 100:1

• we can’t see particles at the crucial building block 
stages

• solids / planet-gas interactions are complicated

• planets don’t live where they were born



SOME CAUTION REQUIRED 
FOR MICROLENSING HOSTS:

• Disks around M-dwarfs are fainter (many standards 
were set by Herbig Ae/Be stars)

• Somewhat sparse in exoplanet samples (soon to 
improve)

• often not the fiducial scaling set in theoretical models 
— need to understand the problems with simple 
substitutions for Msun

NASA Exoplanet Archive



OUTLINE

• The (old) standard model for planet formation: Core 
Accretion

• Newer developments that address “textbook 
problems” in Core Accretion

• Unsolved problems

• The role of gravitational instability



CORE ACCRETION, 
“CLASSICALLY”

• Basic parts of core accretion:

• Dust grains coagulate to sizes 
larger than the ISM (mm, cm, 
m?)

a) b) c) d)

e) f) g) h)

Fig. 5.— Two image sequences of the growth of ice aggregates (images a-d and images e-h) by sticking
of impinging µm-sized water-ice particles. The images were taken with the long-distance microscope and
the aggregates were illuminated by the pulsed laser beam. In some images, impinging µm-sized water-
ice particles were observed (dashed lines). The velocities of these water-ice particles were ranging from
4.7m s�1 to 13.9m s�1. The time di↵erences between the first and the last image of the image sequences
are 22ms (image d - image a) and 28ms (image h - image e), respectively. Note that also bouncing of some
µm-sized water-ice particles occurred during the growth of the ice aggregates (e.g., in image b). Both ice
aggregates were grown during the experimental run number 6 (see Tab. 1). The dimensions of the images
are 612µm⇥ 408µm.
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Fig. 6.— Grown ice targets observed through the top window of the vacuum chamber. Image a shows
an ice aggregate grown by the impact of µm-sized water-ice particles. Images b and c show icy deposits
on the cooled target grown by the impact of uncooled water droplets (b) and water vapor deposition (c),
respectively. The colors of the images are inverted in order to enhance the visibility of the ice targets. Note
that in the case of the water vapor deposition (c), also frost is visible on top of the solid ice target. The
dimensions of the images are 2.3 cm⇥ 2.5 cm.

The lower boundary of the sticking threshold
was derived from the lowest growth rates observed
during the di↵erent experimental runs. We as-

sume that in this case, all collisions with velocities
lower than the mean velocities minus the corre-
sponding 1�-deviations of the mean velocities led
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CORE ACCRETION, 
“CLASSICALLY”

• Basic parts of core 
accretion:

• Dust grains coagulate to 
sizes larger than the ISM 
(mm, cm, m?)

• Planetesimals (km+) form 
via continued coagulation 
of small bodies 

a) b) c) d)

e) f) g) h)

Fig. 5.— Two image sequences of the growth of ice aggregates (images a-d and images e-h) by sticking
of impinging µm-sized water-ice particles. The images were taken with the long-distance microscope and
the aggregates were illuminated by the pulsed laser beam. In some images, impinging µm-sized water-
ice particles were observed (dashed lines). The velocities of these water-ice particles were ranging from
4.7m s�1 to 13.9m s�1. The time di↵erences between the first and the last image of the image sequences
are 22ms (image d - image a) and 28ms (image h - image e), respectively. Note that also bouncing of some
µm-sized water-ice particles occurred during the growth of the ice aggregates (e.g., in image b). Both ice
aggregates were grown during the experimental run number 6 (see Tab. 1). The dimensions of the images
are 612µm⇥ 408µm.

b)a) c)

water ice particles water vaporwater droplets

Growing Ice
Aggregate Nozzle

Fig. 6.— Grown ice targets observed through the top window of the vacuum chamber. Image a shows
an ice aggregate grown by the impact of µm-sized water-ice particles. Images b and c show icy deposits
on the cooled target grown by the impact of uncooled water droplets (b) and water vapor deposition (c),
respectively. The colors of the images are inverted in order to enhance the visibility of the ice targets. Note
that in the case of the water vapor deposition (c), also frost is visible on top of the solid ice target. The
dimensions of the images are 2.3 cm⇥ 2.5 cm.

The lower boundary of the sticking threshold
was derived from the lowest growth rates observed
during the di↵erent experimental runs. We as-

sume that in this case, all collisions with velocities
lower than the mean velocities minus the corre-
sponding 1�-deviations of the mean velocities led
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CORE ACCRETION, 
“CLASSICALLY”

• Basic parts of core accretion:

• Dust grains coagulate to sizes 
larger than the ISM (mm, cm, 
m?)

• Planetesimals (km+) form via 
growth of small bodies (aka 
magic?, “meter-size” barrier)

• Planetesimals grow into 
planet-cores via gravity-
assisted collisions

Stevenson+ 1986, Pollack+1996



CORE ACCRETION, 
“CLASSICALLY”

• Basic parts of core accretion:

• Dust grains coagulate to sizes 
larger than the ISM (mm, cm, m?)

• Planetesimals (km+) form via 
growth of small bodies (aka 
magic?, “meter-size” barrier)

• Planetesimals grow into planet-
cores via gravity-assisted collisions

• Planetary cores can undergo 
runaway atmospheric growth

Stevenson+ 1986, Pollack+1996

D. Lin



WHAT’S SO HARD ABOUT PLANET 
FORMATION (ESP. IN THE OUTER DISK?)
• Classic Problems: 

• growing up to meter size bodies via coagulation is difficult

• growing through the “meter size” barrier is an extreme 
challenge due to radial drift

• It takes longer than the disk lifetime (few Myr) to build a 
big enough solid core mass to trigger runaway 
atmospheric growth to make a gas giant



CORE ACCRETION IN THIS 
CENTURY…

• Basic parts of classic core accretion:

• Dust grains coagulate to sizes 
larger than the ISM (mm, cm, m?)

• Planetesimals form with some 
size distribution (km-500km)

• Planetesimals grow into planet-
cores via gravity-assisted 
collisions

• Planetary cores sometimes 
accrete gaseous atmospheres

• Updated parts of core accretion:

• Dust grains grow early (Najita & Kenyon 
2014, Andsell+ 2016) to at least cm sizes 
aided by pressure traps

• Planetesimals form via Streaming Instability 
with range of sizes (up to ~500km) (Youdin 
& Goodman 2005, Simon et al 2016)

• Planetesimals accrete substantial mass from 
“pebbles,” not just other planetesimals 
(Ormel & Klahr 2010, Lambrechts & 
Johansen 2012)

• Planetary cores sometimes undergo gas 
accretion, fed by circumplanetary disk (Zhu 
2016)



RADIAL DRIFT
gas feels pressure, dust 

doesn’t

From Disks to Planets Youdin & Kenyon
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Fig. 6.— Radial drift timescales, R/Ṙ, for the same disk models and particle sizes as in Fig. 5.
The fastest drift timescale is for the particle size that has τs = 1 as indicated by the grey curve.
Drift timescales are much faster than disk lifetimes of a few Myr, especially near the “meter-sized”
barrier.
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Fig. 24 Particles drift inwards in a disk wherever dP/dr, due to the combination of aerodynamic
forces and sub-Keplerian gas rotation. The radial drift time scale tdrift = r/|vr|, in units of the local
orbital period, is plotted as a function of the dimensionless stopping time ts. The fastest radial drift
occurs for ts = 1. The specific numbers shown in the plot are appropriate for a disk with h/r = 0.03
and a values of 10�2 (lowest curve on the left-hand side of the figure), 10�3 and 10�4.

This yields,
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We now substitute for WK in the radial equation using equation (201). Discarding
higher order terms we obtain,
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The dvr/dt term is negligible. Dropping that, we eliminate (vf � vf ,gas) between
equations (205) and (206) to obtain,

vr =
(r/vK)t�1

s vr,gas �hvK

(vK/r)ts +(r/vK)t�1
s

. (207)

In terms of the Stokes number the final result for the particle radial velocity is,

vr =
t�1

s vr,gas �hvK

ts + t�1
s

. (208)

The previously derived results for very small and very large particles are recovered
by taking the appropriate limits.

Armitage 2015

Planetesimal Formation 11

Second, while turbulence diffuses particles in an average sense, it can also gen-
erate intermittent particle clumps. Enhanced self-gravity in an overdense clump
is conducive to GI. Mechanisms for particle concentration in turbulence (broadly
defined to include longer-lived vortices) are described in §4.3. Particle clumping is
particularly strong for SI (Johansen and Youdin, 2007), since particle overdensities
generate perturbations to the drag force that sustain the growth of SI.

The models of J07 demonstrate the viability of planetesimal formation by GI
in turbulent disks. Their hybrid MHD/particle-mesh simulations include several
sources of turbulence – vertical stratification (for KHI), particle-gas streaming
(for SI), and magnetic fields to drive the magneto-rotational instability (MRI).8

Particle clumps grew in the absence of self-gravity, and then collapsed rapidly when
self-gravity was included. The largest bound clump accreted at an astonishing rate
of ∼ 0.5MCeres per orbital period. A clump mass that exceeds a nominal km-sized
planetesimal by orders of magnitude is not a serious concern, since hierarchical
fragmentation in the later stages of collapse (not yet modeled) is plausible.

The initial particle sizes in J07 are in the 15—60 cm range, making them
moderately decoupled from the gas. Growth by coagulation to these sizes is not
certain (§3.1). Strengthening the GI (or Safronov-Goldreich-Ward) hypothesis
requires (1) a better understanding of particle growth beyond ∼ 10 cm and/or (2)
pushing the dynamical models to smaller initial particle sizes, which should give
slower growth rates and may require higher initial particle abundances.

4 Aerodynamic Coupling in Particle-Gas Disks

4.1 Drag Laws and the Stopping Time

While planets interact with gas disks gravitationally, smaller solid bodies are cou-
pled to the gas disk primarily by drag forces. The drag force, Fd, on a particle of
mass mp moving with a speed ∆v ≡ vp − vg relative to the gas is

Fd = −mp∆v/tstop , (4.1)

where tstop is the damping timescale for particle motion relative to the gas. The
form of tstop depends on particle properties – such as the internal density, ρs, and
spherical radius, a – and on properties of the gas disk – ρg and cs – as:

tstop =

⎧

⎪

⎪

⎪

⎪

⎪

⎨
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⎪

⎪

⎪

⎪

⎩

tEp
stop ≡ ρsa/(ρgcs) if a < 9λ/4 (4.2a)

tStokes
stop ≡ tEp

stop · 4a/(9λ) if 9λ/4 < a < λ/(4Ma) (4.2b)

tEp
stop · (a/λ)3/5 Ma−2/5/4 if λ/(4Ma) < a < 200λ/Ma (4.2c)

tturb
stop ≡ tEp

stop · 6/Ma if a > 200λ/Ma (4.2d)

8The supplement to J07 shows that GI occurs in the absence of magnetic fields, though higher
particle surface densities were needed. This is surprising, since (naively) less turbulence should
favor GI. The clumping in the MRI turbulence strengthens the feedback of drag forces on the
gas, which in turn enhances the concentration by SI.

12 Physics and Astrophysics of Planetary Systems, Les Houches 2008
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Fig. 2. Dimensionless stopping time, τs, vs. disk radius in the midplane of a minimum

mass nebula model for particle sizes from µm – km. The sharp transitions between

different drag regimes are approximations.

where Ma ≡ |∆v|/cs, λ ∝ 1/ρg is the gas mean free path, and Re ≡ 4aMa/λ will
be the Reynolds number of the flow around the particle. The cases are written in
order of increasing particle size: Epstein’s Law of drag from molecular collisions,
Stokes’ Law for viscous drag when Re < 1, an approximate intermediate Re case,
and the drag from a fully developed turbulent wake for Re > 800.

We measure the dynamical significance of drag forces with the parameter,

τs ≡ Ωtstop . (4.3)

For τs ≪ 1 particles are carried along with the gas, while for τs ≫ 1 gas drag is a
small correction to Keplerian orbits. Fig. 2 plots τs values for several particle sizes
in the midplane of the MMSN with a gas surface density, Σg = 2000(R/AU)−3/2

g/cm2, and midplane temperature, T = 280(R/AU)−1/2 K. The relative veloci-
ties needed for the turbulent drag formulae (eqs. [4.2c,4.2d]) are determined self-
consistently by inplane drift (eq. [4.7]). Turbulent stirring and vertical oscillations
will give a small correction.

4.2 Settling and Drift

4.2.1 In-plane Drift

We now derive the particle drift motions. First the orbital speed of the gas, vφ,g,
is given by centrifugal balance with the Keplerian gravity and pressure forces,

− v2
φ,g/R = −v2

K/R − ρ−1
g ∂P/∂R . (4.4)

We ignore the back reaction of drag forces on the gas, valid in the test-particle limit
when the density of particles ρp ≪ ρg. When pressure forces are small compared

12 Physics and Astrophysics of Planetary Systems, Les Houches 2008

10−1 1 10 102

R [AU]

10−8

10−6

10−4

10−2

100

102

104

106

τ s

µm
mm

km
m
3 cm

Fig. 2. Dimensionless stopping time, τs, vs. disk radius in the midplane of a minimum

mass nebula model for particle sizes from µm – km. The sharp transitions between

different drag regimes are approximations.

where Ma ≡ |∆v|/cs, λ ∝ 1/ρg is the gas mean free path, and Re ≡ 4aMa/λ will
be the Reynolds number of the flow around the particle. The cases are written in
order of increasing particle size: Epstein’s Law of drag from molecular collisions,
Stokes’ Law for viscous drag when Re < 1, an approximate intermediate Re case,
and the drag from a fully developed turbulent wake for Re > 800.

We measure the dynamical significance of drag forces with the parameter,

τs ≡ Ωtstop . (4.3)

For τs ≪ 1 particles are carried along with the gas, while for τs ≫ 1 gas drag is a
small correction to Keplerian orbits. Fig. 2 plots τs values for several particle sizes
in the midplane of the MMSN with a gas surface density, Σg = 2000(R/AU)−3/2

g/cm2, and midplane temperature, T = 280(R/AU)−1/2 K. The relative veloci-
ties needed for the turbulent drag formulae (eqs. [4.2c,4.2d]) are determined self-
consistently by inplane drift (eq. [4.7]). Turbulent stirring and vertical oscillations
will give a small correction.

4.2 Settling and Drift

4.2.1 In-plane Drift

We now derive the particle drift motions. First the orbital speed of the gas, vφ,g,
is given by centrifugal balance with the Keplerian gravity and pressure forces,

− v2
φ,g/R = −v2

K/R − ρ−1
g ∂P/∂R . (4.4)

We ignore the back reaction of drag forces on the gas, valid in the test-particle limit
when the density of particles ρp ≪ ρg. When pressure forces are small compared

Youdin 2010



PRESSURE BUMPS CAN TRAP 
PARTICLES

changes in radial 
pressure profile 

can aid in 
particle 

concentration 
and thus 

coagulation

Pinilla + Youdin 2017



GRAIN GROWTH 
SIMULATIONS

pressure traps facilitate 
growth to larger sizes
these larger particles 
(>few cm) are better 

participants in subsequent 
growth phases of 

planetesimal formation and 
pebble accretion

Pinilla+ 2016



Grains are observed to grow

• observations indicate 
that dust must grow 
quickly beyond mm-cm 
sizes —otherwise disks 
simply don’t have 
enough mass to account 
for observed exoplanets.

• recall that grains emit 
efficiently at size near 
wavelength

Figure 4. Mass distributions for protoplanetary discs. Cyan
curve (‘And’): observed mass distribution for single class II
sources from Figure 3 (Andrews et al. 2013). Solid curve and filled
symbols: observed mass distribution for Kepler planets with P !

400 d (‘Kep’; green curve’), debris discs (‘DD’; orange box), and
microlensing planets (‘Cas’; violet boxes). Dashed curve and open
symbols: required total disc masses Mtot,s if Σ ∝ a−3/2 and if the
above planets and debris discs arise from (i) a ! 4 AU (dashed
green curve, Kepler planets with a ! 1 AU), (ii) 4 AU ! a !

20 AU (open violet boxes, microlensing planets), and (iii) a "

20 AU (open orange box, debris discs).

Najita & Kenyon 2014



CONSEQUENCES OF RADIAL 
DRIFT?

• ring structures could simply 
be particles, not planets

• radial drift also serves to 
trigger planetesimal 
formation!



The	Streaming	Instability	(SI)

solid mass flux
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Credit: Rixin Li



SI: FROM DUST GRAINS TO >100KM ASTEROIDS / 
PLANETESIMALS

Shearing box simulation  
of dust particles 

interacting with gas

Streaming Instability + 
gravity turns cm size 
pebbles directly into 

asteroid size 
planetesimals

vorb

Movie Credit: Jake Simon



Planetesimals from SI span a wide 
range of sizes

• broad, large, initial 
planetesimal 
distribution 
seems consistent 
with Kuiper Belt 
objects

• not all pebbles / 
dust turns into 
planetesimals

14

Fig. 11.— Left: Differential mass distribution at t − tsg = 47Ω−1 for G̃ = 0.02 (green diamonds), t− tsg = 12.3Ω−1 for G̃ = 0.05 (black
asterisks), and t− tsg = 7.4Ω−1 for G̃ = 0.1 (orange triangles). Both the mass and the differential mass function are given in units of Ceres
mass. On the plot, we denote the dimensionless gravity parameter with G instead of G̃. In each case, a best fit power law is over plotted as
a dashed line of the corresponding color of the data. For each value of G̃, we include the four simulations that were restarted at different
times to improve statistics. Compared to the G̃ = 0.05 and G̃ = 0.1 runs, a later time relative to the activation of particle self-gravity is
chosen to analyze the G̃ = 0.02 simulations because the planetesimals take a longer time to become separate, bound clumps. Right: The
best fit power law index p as a function of G̃. The best fit slope is p = 1.7± 0.1 for G̃ = 0.02, p = 1.5± 0.1 for G̃ = 0.05, and p = 1.6± 0.1
for G̃ = 0.1. The mass distribution shifts towards larger masses with increasing G̃. There is no consistent trend in the value of p with G̃.

Fig. 12.— Cumulative mass distribution for G̃ = 0.02 (green dia-
monds), G̃ = 0.05 (black asterisks), and G̃ = 0.1 (orange triangles).
On the plot, we denote the dimensionless gravity parameter with G
instead of G̃. For each value of G̃, we include the four simulations
that were restarted at different times. The mass distribution shifts
towards larger masses.

the correct times to analyze properties of the planetesi-
mal distribution. Our general method has been the same
as described above; visually examine the collapse of plan-
etesimals and then average the mass distribution over a
period corresponding to roughly when individual clumps
can be identified but before there is significant merging
between these clumps.
As shown in Fig. 14, there is a steep growth early on in

SI128-SG-weak clump, followed by a relatively flat evo-
lution, which is then followed by growth again. This
second growth period, which happens roughly between
t − tsg = 60Ω−1 and t − tsg = 100Ω−1, is due to a sec-

ond phase of planetesimal formation. From an examina-
tion of the particle surface density evolution, this second
phase of planetesimal formation appears to follow the
formation of another largely axisymmetric enhancement
in the particle density. Apparently, in this particular
simulation, the conditions allowed the streaming insta-
bility to act on remaining small solids in the disk after
the initial formation of planetesimals. The second den-
sity enhancement induced by the streaming instability
then went gravitationally unstable and added to the to-
tal number of planetesimals.
In choosing our analysis time for SI128-G0.05-

weak clump, we thus chose a time after the second
period of planetesimal growth. At the chosen times,
SI128-G0.05-no clump produces 11 clumps, SI128-G0.05-
weak clump produces 10, SI128-G0.05-med clump pro-
duces 13 and SI128-G0.05-strong clump produces 11.
In Fig. 15, we plot the differential mass distribution for

the four different start times. There is significant scat-
ter in the differential mass function, but the power law
indices appear roughly consistent between the different
simulations. Specifically, p = 2.2 ± 0.4 for SI128-G0.05-
no clump, p = 2.1±0.4 for SI128-G0.05-weak clump, p =
2.0±0.3 for SI128-G0.05-med clump, and p = 1.8±0.2 for
SI128-G0.05-strong clump. These p values are slightly
larger than that found for the previously discussed sim-
ulations, which is a result of smaller number statistics
biasing the fitted slope value, as we found for the fidu-
cial run in Section 3.1.
As we did in Section 3.3, we calculate the cumulative

mass distribution to reduce the noise inherent in the dif-
ferential distribution. This is shown in Fig. 16.
Roughly speaking, there does not appear to be signif-

icant differences between the mass distributions in each
of these simulations. They all occupy roughly the same
space in the differential distribution plot. Based on all
of these results combined, it seems that the properties of

Simon et al 2016



FROM 100KM TO EARTH MASS 
CORES

Fg

asteroid size bodies are 
gravitationally attracted 

to each other

when they collide, a lot 
of the mass goes into 
one bigger body, but 

smaller debris is 
produced as well

this, plus SI, keep a lot of 
mass around in 

“pebbles”



core growth via pebble accretion

• ignoring gas drag, 
only particles with 
just the right 
velocity get trapped 
in the Hill sphere

• including gas drag 
allows a wider 
range of particles 
to accrete

Ormel & Klahr, 2010

C. W. Ormel and H. H. Klahr: The effect of gas drag on the growth of protoplanets

Fig. 1. Sketch of particle trajectories in the comoving frame. We con-
sider the motion of the third (test) particle m in the comoving frame
of the second body (Mp, the planet) while including the gravity of the
central star. In the gas-free limit zero-eccentricity particles can enter the
Hill sphere from both the first and the third quadrant (black curves) but
only from specific impact parameters indicated by the hatched regions.
Particles arriving at closer impact parameters move on horseshoe or-
bits. The magnitude and direction of the gas velocity ugas as seen from
the comoving frame is indicated by the dashed arrows. Particle trajec-
tories including gas drag (solid gray arrows) can be anything depending
on the properties of the particle and the gas.

gas Fdrag. Expanding the Fsun term around a0 enables us to lin-
earize Eq. (6) to obtain

du
dt
=

⎛
⎜⎜⎜⎜⎜⎜⎜⎝

2Ω0vy + 3Ω2
0x

−2Ω0vx
−Ω2

0z

⎞
⎟⎟⎟⎟⎟⎟⎟⎠ −

GM
r3

⎛
⎜⎜⎜⎜⎜⎜⎝

x
y
z

⎞
⎟⎟⎟⎟⎟⎟⎠ + Fdrag. (7)

Next, we rewrite Eq. (7) in dimensionless form by normalizing
lengths to Hill radii Rh (see Eq. (2)) and times to Ω−1

0 . The unit
of velocity is then the Hill velocity, vh = RhΩ0. It can be shown
that in Hill units GM = 3Ω2

0R3
h = 3. Dropping the z-term as we

will treat planar configurations only, Eq. (7), in Hill units, reads

du′

dt′
=

(
2v′y + 3x′

−2v′x

)
−

(
3x′/r′3

3y′/r′3

)
+ F′drag, (8)

where F′drag is related to Fdrag as F′drag = Fdrag/R2
hΩ0.

2.3. The gas drag force

The drag force, Fdrag, can be expressed in terms of a stopping
time ts,

Fdrag = −
∆u

ts
= − (u − ugas)

ts
, (9)

where ugas is the velocity of the gas in the comoving frame and
∆u the velocity difference between that of the particle and the
gas, see Fig. 1. Due to pressure support, the gas rotates slower

than Keplerian by a magnitude vhw = ηvK, where vK is the
Keplerian velocity at disk radius a and η a dimensionless quan-
tity that gives the fractional deviation from the Keplerian motion
(Nakagawa et al. 1986):

η =
dP/da

2aΩ2ρg
∼

(
cg

vK

)2

, (10)

with cg the sound speed. In the comoving frame the headwind is
directed towards negative y. However, we should correct for the
Keplerian shear; thus,

ugas =

(
−vhw −

3
2
Ωx

)
ey, (11)

where ey is the unit vector in the y direction.
For the drag force we consider several regimes. The stop-

ping time for solid spheres of internal density ρs for particles of
increasing size s reads (Weidenschilling 1977a):

ts =

⎧⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎨
⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎩

ρss
ρgcg

(Epstein drag)

4ρss2

9ρgcgℓmfp
(Stokes drag)

6ρss
ρg|u − ugas|

(Quadratic drag)

(12)

where ρg is the density of the gas, and ℓmfp the mean free path
of the gas. For small particles the Epstein regime holds. The
Stokes regime supersedes the Epstein regime for particle sizes
s > 9ℓmfp/4. In both the Epstein and the Stokes regime the gas
drag is linear with velocity and the stopping time reflects a par-
ticle property. These are the regimes for which our study is ap-
plicable. In the quadratic regime the stopping time becomes a
function of the particle velocity since here Fdrag ∝ |∆u|2. In fact,
there is a transition regime between the Stokes and quadratic
drag regimes where stopping times are proportional to |∆u|0.4,
which we have, for reasons of simplicity, ignored here (follow-
ing Rafikov 2004).

As an (approximate) upper limit for |∆u| we can take the
headwind velocity, vhw. The transition between the Stokes and
the quadratic drag regimes then occurs at a size of

s ≈ smax =
27ℓmfpcg

2vhw
(13)

= 90 m
( cg

105 cm s−1

) ( ρg

10−10 g cm−3

)−1 ( vhw

30 m s−1

)−1
,

where we used ℓmfp = 2× 10−9/ρg (in cgs units; Nakagawa et al.
1986). Since we consider a drag law that is linear in velocity, our
results are only applicable for particle sizes less than smax. In the
inner disk (where the gas density is large) the results should be
applicable to the sweepup of chondrule-like particles and m-size
boulders. In the outer disk, ρg is much lower and the particles for
which our results are applicable include (small) planetesimals.

Expressed in dimensionless form the drag law reads

F′drag =
Fdrag

vhΩ0
=

1
St

(
−v′x

−v′y − ζw − 3x′/2

)
(14)

where we used Eq. (9) for Fdrag and Eq. (11) for ugas, nor-
malized velocities to vh, and have introduced the Stokes
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core growth via pebble accretion

• “pebbles”, brought 
in by radial drift 
from the disk feel 
the right amount of 
gas drag to accrete 
very efficiently

C. W. Ormel and H. H. Klahr: The effect of gas drag on the growth of protoplanets
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Fig. 5. Examples of planet-particle interactions for different values of the dimensionless headwind velocity ζw and coupling parameter St. For
typical nebula parameters particles of St = 10 correspond to loosely coupled m-size particles, whereas St = 0.01 are more strongly coupled
cm-size particles, see Fig. 2. Likewise, ζw = 1 corresponds to protoplanets of Rp ∼ 103 km in radius, while ζw = 100 corresponds to Rp ∼ 10 km
planetesimals. (A) Two particles of St = 10 experience a close encounter within the Hill sphere (dotted circle). The xS = 3.9 particle is captures
and settles to the planet, whereas the other particle is ejected from the Hill sphere (The Keplerian shear eventually causes it to resurface at the
other side of the Hill sphere). (B) Strong gas coupling, St = 0.01. There is a competition between the gravitational pull of the planet and the drag
force directed towards negative y. (C) Close encounters at large ζw without settling (see inset). (D, E) Examples of particle trajectories originating
from interior orbits. (F) Radially approaching orbits. (This figure is available in color in electronic form.)

orbits like the xS = 3.9 curve in Fig. 5a as gas drag induced or-
bital decay, whereas the accretion mode in Fig. 5b is referred to
as settling and draw the dividing line at St = 1.

On the other hand Fig. 5c, which features a larger dimension-
less headwind (meaning: a smaller protoplanet) of ζw = 100,
does not display the settling behavior. Here, particles can only
be accreted due to the finite size of the target. The xS = 0.796
trajectory has a minimum distance of rmin = 5.0 × 10−4; the
xS = 0.8 trajectory rmin = 4.5 × 10−3. Clearly, for a planet size
αp ≪ 1 the impact parameter in Fig. 5c is much less than for
the settling orbits of Fig. 5b. Since the Stokes numbers are the
same, the reason must be due to the larger headwind velocity ζw.
This is understandable since particles of St ≪ 1 approach at the
headwind velocity (va ≈ ζw) and a large va is not conducive for
accretion.

In the lower panels of Fig. 5 we vary either the Stokes num-
ber (particle size) or ζw (protoplanet size) with respect to the
panel above. For a Stokes number of 103, see Fig. 5d, the ef-
fects of gas-drag are even less pronounced and it becomes more
difficult to capture these (big) particles within the Hill sphere.
Moreover, if such a particle would be captured, it takes longer to
finally accrete this particle due to orbital decay. Another differ-
ence with Fig. 5a is that the St = 103 particles can now also enter

the Hill sphere from interior orbits (negative xS). In Fig. 5a the
strong radial drift still prevents particles from entering the Hill
sphere from the negative y-direction; however, for St = 103 the
radial drift is sufficiently reduced to render the situation more
akin to the symmetric gas-free limit.

The ζw = 0.1 orbits in Fig. 5e also feature accretion from
particles approaching the planet from interior orbits, which the
ζw = 1.0 orbits of Fig. 5b were not capable of. The dimen-
sionless headwind parameter of ζw = 0.1 corresponds to a
very big planet (in the canonical model) for which, as we will
discuss below, the constant gas density background is unreal-
istic. Alternatively, it can represent a smaller protoplanet in a
nebula where the dimensional headwind is, for some reason,
strongly reduced. In any case, we see that low ξw tends to make
the interactions more symmetric. This can be seen from the
Eq. (19b): low ζw or large St reduce the contribution from the
non-symmetric headwind term, ζw/(1 + St2).

Figure 5f shows, however, that for St = 10 and ζw = 100
the picture is anything but symmetric. The particles approach
the planet from a very radial direction (x-direction) – at least, as
seen from the perspective of the planet. The point is here that
both St and ζw are large. Thus, both planet and particle move
at a Keplerian velocity (in the azimuthal direction) but, due to
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Growth timescales change when including 
aerodynamic pebble capture

• Gas giants can in 
principal form even 
at 50 AU in disk 
lifetime

• Problem is first mass 
doubling time, not 
the last

M. Lambrechts and A. Johansen: Rapid growth of gas-giant cores by pebble accretion
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Fig. 11. Core growth as function of time, plotted for various orbital dis-
tances (0.5, 5 and 50 AU). The drift branch, marked by grey solid lines,
assumes an initial core mass of M0 = 10−5 M⊕ and ∆ = 0.05. The drift
growth continues until the transition mass Mt is reached (marked by
a full grey dot). Accretion continues through the more efficient Hill
branch, drawn in black. For clarity, we start the Hill growth from the
transition mass at time t = 0 yr, instead of continuing from the time
where drift accretion comes to a halt. The masses of Ceres and Pluto
(located at respectively 2.7 and 39 AU) are marked on the vertical axis
for reference. The grey dotted curves correspond to classical planetesi-
mal accretion (PA), where the faster growth corresponds to 2D accretion
of planetesimal fragments (Rafikov 2004) and the slower to 3D accre-
tion of planetesimals (e.g. Dodson-Robinson et al. 2009). Note that drift
accretion timescale at 50 AU takes more than 108 yr and its transition
mass point is not plotted.

mass needed for fast Hill accretion, which might explain why
they failed to grow to gas or ice giants. Indeed, one can make
the assumption that only those planetesimals that formed early
enough in the high-mass tail of the initial planetesimal mass dis-
tribution could serve as the seed for gas-giant cores.

As an illustration of the rapid core growth by pebble accre-
tion in the Hill regime, we compare it to the core growth time
for planetesimal accretion in Fig. 12. As discussed in Sect. 3.2,
the inability to accrete solids from the entire Hill sphere, as op-
posed to pebble accretion, leads to significant longer core for-
mation times, in conflict with the observed dissipation time of
protoplanetary discs.

5. Discussion

We discuss here the assumptions and limitations of our results.
Midplane layer thickness. One component of the pebble ac-

cretion scenario is the presence of a thin particle disc (Hp =
0.01H). This low particle scale height is expected from turbu-
lence driven by streaming instabilities, independent of particle
size, as discussed in Sect. 2. A moderately higher particle scale
height, as may be the case for turbulence caused by the magne-
torotational instability, can result in a situation where rH < Hp
past the transition core mass. This would result in a temporarily
reduced accretion rate, by a factor rH/Hp = (Hp/H)−1(rH/H) =
(1/3)1/3(Hp/H)−1µ1/3, until the Hill radius grows beyond the
particle scale height.

Core growth to 10 M⊕
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r/AU
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104

105

106

107

108

∆t
/y

r

PebblesFragments

Planetesimals

Fig. 12. Time needed for core growth up to 10 M⊕ at various loca-
tions in the disc. The solid black line gives the formation time of the
core for pebble accretion in the Hill regime, while grey lines give the
time needed to form the critical 10-Earth-mass core by planetesimal
accretion. The dashed grey line represents planetesimal fragment ac-
cretion from a thin midplane layer, as studied by Rafikov (2004). The
red shaded area shows the approximate time interval in which the pro-
toplanetary disc loses its gaseous component and encompasses for ex-
ample the estimated age of gas giant LkCa 15b (Kraus & Ireland 2012).
Core formation needs to occur before this time.

Particle size. The assumption of a single particle size in our
simulations can be criticised, but as discussed in the introduc-
tion, observations of protoplanetary discs allow a large fraction
of the solid mass to reside in the particle size range that we con-
sider, τf = 0.01–1 (Wilner et al. 2005). A large abundance of par-
ticles larger than pebbles is not expected from coagulation mod-
els (Blum & Wurm 2008; Brauer et al. 2008; Windmark et al.
2012). However, as particles approach the core their icy com-
ponent might sublimate; as friction would heat the particles, es-
pecially when a denser envelope starts forming around the core.
It would be interesting to take this size-diminishing effect into
account in a further investigation. On the other hand, particles
might grow larger. In higher metallicity environments streaming
instabilities become so effective in clumping solid material that
one can fear particles to grow past the pebble size. However, we
do not see this particle clumping in our simulations including the
gas drag backreaction at the metallicity we consider (Z = 0.01).
Strong clumping requires Z ! 0.02 (Johansen et al. 2009b; Bai
& Stone 2010).

Gas structure. For the lower seed masses discussed in the pa-
per, we previously argued (Sect. 2) that the gas density changes
around the core are small. In the Hill regime, the ratio v2esc/c

2
s ≈

2.3 × 102µ2/3(r/AU) (in the MMSN for standard solid density)
can exceed unity for the highest core masses and the effects of
an envelope should be taken into account. But, as also argued
by Ormel & Klahr (2010), even if the direction of the flow
moderately changes on scales within the Bondi radius due to
stratification near the core, only particles with tf ≪ tB could be
affected by it. Since these particles are too strongly coupled to
the gas for accretion to take place in the first place (strong cou-
pling limit), ignoring the core’s feedback on the gas is justified.

Keplerian orbits. In our analysis we assumed the core to
be on a circular Keplerian orbit. The relative velocity between
the core and the gas in Keplerian rotation could be signifi-
cantly modified if competing cores would get excited by re-
peated close passages. However, as opposed to classical plan-
etesimal growth, in our scenario gas damps the small particles
and dynamical friction prevents the excitation of larger bodies,
similar to the oligarchic growth regime. We do ignore gas-driven
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The critical core mass to trigger runaway 
growth declines with semi-major axis

• Even though 
growth times are 
slower, less core 
growth is required

• Temperature goes 
down, Bondi radius 
goes up, and 
opacity declines

The Astrophysical Journal, 786:21 (15pp), 2014 May 1 Piso & Youdin

Figure 10. Critical core masses vs. distance for standard and reduced (by a
factor of 10) dust opacities. Lower opacities give significantly lower Mcrit values.
Atmospheric opacity remains a large uncertainty in core accretion models.
(A color version of this figure is available in the online journal.)

self-gravity strongly affects evolution, even before runaway
growth begins and the crossover mass is reached.

Figure 10 shows that reducing the opacity by an order of
magnitude significantly reduces Mcrit. Furthermore, this opacity
effect is stronger at larger distances. The opacity reduction
by a factor of 10 lowers Mcrit at 5 AU by a factor of ∼2.5
and at 100 AU by a factor of ∼3.5. Atmospheric opacity is
a dominant uncertainty in core accretion modeling. However,
unless atmospheric opacity varies significantly with disk radius,
the general decline in Mcrit with increasing a should hold. For
our scenario of negligible ongoing planetesimal accretion, it is
tempting to think that dust could settle out of the radiative zone,
lowering the opacity (Podolak 2003). Nonetheless, since opacity
near the RCB is a crucial factor, we speculate that convective
overshoot may prevent very low opacities.

A larger disk lifetime further reduces Mcrit. Recent studies
have shown that gas disks may live up to ∝10–12 Myr (Bell
et al. 2013). As Mcrit ∼ t

−3/5
d (see Equation (34)), a disk lifetime

of 10 Myr decreases the critical core mass by a factor of two.
Of course, some fraction of the disk lifetime must be allocated
to the growth and possibly migration of the core.

5.3. Comparison with Previous Studies

We can directly compare our results with other studies of pro-
toplanetary atmospheric growth in the absence of planetesimal
accretion, notably those in I00 and PN05. A major distinguish-
ing feature of our study is that we explore a range of disk
conditions, while I00 and PN05 focus on growth at the loca-
tion of Jupiter, 5.2 AU, in their disk models. Moreover, both
I00 and PN05 solve the full time-dependent energy equation
and consider more detailed EOSs, in addition to other detailed
differences in model parameters. Despite these differences, the
qualitative and quantitative agreement with our study is good.

I00 give an approximate analytic fit to their models’ envelope
formation time (the equivalent of the runaway accretion time
trun in our models), at a = 5.2 AU,

τenv ∼ 3 × 108
(

Mc

M⊕

)−2.5 ( κ

1 cm2 s−1

)
yr . (38)

Our model reproduces the linear opacity dependence (see
Section 4.2), even though we use a temperature-dependent
opacity, Equation (5), instead of a constant κ . Our growth times

at 5 AU,

trun ∼ 5 × 108
(

Mc

M⊕

)−2.4

yr, (39)

agree well with the I00 results, both in magnitude and scaling
with core mass.

One goal of our study was to explain the extended luminosity
minimum in evolutionary models that characterizes phase 2 in
core accretion models, as described in the introduction. Previous
work (see Figure 2 in I00 and Figures 3 and 4 in PN05)
shows that this luminosity minimum is an intrinsic feature
of atmospheric cooling even in the absence of planetesimal
accretion. We not only reproduce this effect in our simplified
model (see Figures 2 and 3), but we also show that self-gravity is
the essential ingredient to produce a broad luminosity minimum
well before the crossover mass.

Time-dependent studies that incorporate planetesimal accre-
tion generally find larger formation timescales and critical core
masses than those of this work. This result is expected since
additional energy from planetesimal accretion limits the ability
of the atmosphere to cool. Pollack et al. (1996) find an evo-
lutionary time and crossover mass of ∼7.5 Myr and ∼16 M⊕,
respectively, for an MMSN disk model at 5.2 AU and interstellar
grain opacity. These values, however, decrease to ∼3 Myr and
∼12 M⊕ if planetesimal accretion is entirely shut off during the
gas accretion phase. The core accretion model of Hubickyj et al.
(2005) for Jupiter’s formation predicts an evolutionary time of
3.3 Myr for a 10 M⊕ core, for an interstellar opacity, which is
also consistent with our result at 5 AU.

A direct comparison with studies that only include planetes-
imal accretion, and neglect atmospheric cooling, is difficult.
Note, however, that I00 establishes the correspondence between
the minimum luminosity in evolutionary models and the mini-
mum planetesimal accretion rate needed in static models, which
gives rise to the classical critical core mass of static models
(Mizuno et al. 1978; Stevenson 1982).

In terms of modern static studies, our results complement
(and borrow some tools from) R06 and Rafikov (2011). These
studies consider the disk radius dependence of core accretion for
protoplanets that continuously accrete planetesimals. We show
that the limits on core accretion at large radial distance claimed
by Rafikov (2011, and references therein) can be overcome if
planetesimal accretion shuts off and the atmosphere is allowed
to cool. Nevertheless, the plausibility of rapid core growth
followed by negligible subsequent solid accretion admittedly
remains uncertain, as discussed in more detail in Section 7.

6. NEGLECTED EFFECTS

Since one goal of this paper was to obtain a detailed
understanding of atmospheric evolution with a simple model,
we have necessarily ignored effects of potential significance.
We briefly address the most important of these and note that a
follow-up work, A.-M. A. Piso et al. (in preparation, hereafter
Paper II), will extend our current models to address some of
these effects.

6.1. Hydrodynamic Effects

The neglect of hydrodynamical effects in our model is best
discussed in terms of the thermal mass, Mth, and the length
scales introduced in Section 2.2. In the low-mass regime,
Mp < Mth/

√
3, where RB < RH, we assume that hydrostatic

balance holds out to the outer boundary at RH. In this low-mass
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WHAT’S SO HARD ABOUT PLANET 
FORMATION (ESP. IN THE OUTER DISK?)
• Classic Problems: 

• growing up to meter size bodies via coagulation is difficult

• growing through the “meter size” barrier is an extreme 
challenge due to radial drift

• It takes longer than the disk lifetime (few Myr) to build a 
big enough solid core mass to trigger runaway 
atmospheric growth to make a gas giant

particle traps!

planetesimals from SI!

pebble accretion!

EASY!!

Modern



REMAINING CHALLENGES 
(ABRIDGED)

• Planet migration is too fast

• We haven’t found enough massive disks

• Disk substructure indicates more giant planets 
than we observe



where is all the mass?6

Figure 3. Dust masses (top), gas masses (middle), and gas-to-dust ratios (bottom) for continuum-detected sources in our Lupus
sample. Blue points indicate detections and gray triangles indicate upper limits. Dust masses are from Table 2 and described in
Section 5.1; the associated error bars include the 10% absolute flux calibration uncertainty. Gas masses and associated ranges
are from Table 3 and described in Section 5.2; error bars with downward arrows indicate sources detected in 13CO but not C18O,
for which we did not place lower limits on their gas masses. Gas-to-dust ratios and associated ranges are directly calculated
from the dust masses and the range of possible gas masses. Stars show the results of our stacking analysis (Section 5.3).

The physical reasoning for a reduced C18O abundance is
CO isotope-selective photodissociation (van Dishoeck &
Black 1988), which has been modeled in detail for proto-
planetary disks in Miotello et al. (2014). The empirical
factor of 3 used in Figure 4 is su�cient to fit our Lu-
pus observations and lies within the range of models in
Miotello et al. (2014) for massive disks. Although our ob-
served fluxes do not match the models of Miotello et al.
(2014) for low-mass disks, those models covered a lim-
ited set of disk parameters and will be expanded to a
larger model grid to interpret the CO isotopologue de-
tections in Lupus with more sophisticated treatment of
isotope-selective e↵ects (Miotello et al., submitted).
Our derived gas masses are given in Table 3. We de-

termined these gas masses by comparing our 13CO and
C18O line luminosity measurements or upper limits to

the WB14 model grids. We considered both WB14 model
grids (ISM and 3⇥ reduced C18O abundance) in order
to take into account possible isotope-selective photodis-
sociation e↵ects. The line luminosity uncertainties in-
cluded the statistical errors in Table 3 and a 10% abso-
lute flux calibration error (added in quadrature). For the
11 sources detected in both 13CO and C18O, we calcu-
lated the mean (in log space) of the WB14 model grid
points within ±3� of our measured 13CO and C18O line
luminosities (M

gas

), and also set upper (M
gas,max

) and
lower (M

gas,min

) limits based on the maximum and min-
imum WB14 model grid points consistent with the data.
For the 25 sources with 13CO detections and C18O up-
per limits, we similarly calculated M

gas

and M
gas,max

but set M
gas,min

to zero as the e↵ect of isotope-selective
photodissociation may be stronger for low-mass disks

Ansdell+2016
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WHAT ABOUT PLANETS FROM 
GRAVITATIONAL INSTABILITY?

The Astrophysical Journal, 735:30 (12pp), 2011 July 1 Boley, Helled, & Payne

Figure 2. Similar to Figure 1, but later in the disk’s evolution after additional fragmentation has occurred. Left: there are three regions of interest that are highlighted
by boxes A, B, and C. Box A shows to clumps that are about to merge and become one object. Box B shows two clumps that just missed merging. One is becoming
disrupted and releasing its gas solids back into the disk. In box C, three clumps are about to merge. Right: the boxes represent the same objects 200 yr later. Boxes A
and C show that the clumps have completed their mergers. The clump in box C is now 32 MJ with 270 M⊕ of total heavy elements. In contrast, one of the clumps in
box B has survived, while the other was tidally disrupted. The clump is 11 MJ with ∼100 M⊕ of heavy elements.
(A color version of this figure is available in the online journal.)

Figure 3. Similar to Figure 2, but for SIM1mu1.5Z. The clumps in box A are very similar to those in Figure 2, but the clumps in box B merge. At the end of the
simulation (right panel), the clump in Box C is 26 MJ with ∼370 M⊕ total in solids, giving the clump a total enrichment of about 1.5 over the nebular value.
(A color version of this figure is available in the online journal.)

Figure 4. Three snapshots of SIM2kmv2. The center panel is roughly at the same time that SIM2km ends. As a result, BD2010 did not capture the formation of the
second clump, but noted that the arm showed signs of fragmentation. The solids do not collect in the spiral arms, and arms of planetesimals can even be offset from
the gaseous arms (color bar, log [g cm−2]).
(A color version of this figure is available in the online journal.)

enrichment at birth seems to scale with the fraction of solids that
can be aerodynamically captured by the spiral arms. The result
is consistent with the enrichment being pushed toward twice the
nebular value in the limit that all solids can be aerodynamically
captured by spiral arms.

This capture efficiency may not continue to scale to very large
metallicities, e.g., when the back reaction of the large solids on
the gas becomes more appreciable in the dense, spiral arms.
For example, one large difference between the SIM1mu and
SIM1mu1.5Z is the frequency of knotty structure in remnant

4

Boley+2011



WHAT IS GRAVITATIONAL 
INSTABILITY?

• A hydrodynamic instability 
that arises in rotationally 
supported disks when 
self-gravity wins out 
over pressure support on 
small scales, and stabilization 
due to shear on large 
scales
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Fragmentation is the non-linear outcome of this instability



Conditions for measured Class I disks around sun-like stars 
are typically too low in mass and too hot to be unstable

Kratter & Lodato, 2016



How big are objects that form via GI?
• Initial mass 

estimates all 
scale with 

⌃H2

• Fragments that 
are not disrupted 
can also easily 
grow from the 
parent disk

Kratter+2010,Boley+2010,Forgan 
& Rice 2013, Young & Clarke 2015



Growth, Migration, Disruption

Zhu et al 2012

Fragments migrate inwards on ~10 outer dynamical timescales.
The Astrophysical Journal, 746:110 (26pp), 2012 February 10 Zhu et al.

Figure 13. Clump formation, migration, and tidal destruction for the R200_1e-5 case. From left to right and top to bottom, setting the first image at time t = 0, the
time slots for subsequent images are 546 yr, 1067 yr, 1103 yr, 1174 yr, and 1328 yr.
(A color version of this figure is available in the online journal.)

the other hand, with Equation (14), the accretion timescale is

τacc = 2M

3ΣΩ(1.7RH )2

= 1112
(

M

0.01M⊙

)1/3 (
R

100 AU

)1.25

yr. (27)

The migration timescale from Equation (17) is

τmig = 784
(

Mc

0.01M⊙

)−1 (
R

100 AU

)1.75

yr. (28)

Since these three timescales are close to each other, it is natural
that the clumps may have different fates due to the stochastic
migration and accretion. Equation (24) above suggests that rapid
migration combined with slow accretion can lead to clump tidal
destruction. As shown in Figure 14, two similar clumps can form
at the same time, but the one that undergoes rapid migration
is tidally destroyed, while the one that has a longer time to
cool and shrink survives. Rapid migration also limits a clump’s
ability to accrete, since it is unable to cool and contract during
the migration, and ends up more or less filling its Hill (Roche)
sphere. In the extreme cases, this leads to tidal disruption as
described above.

5.3. Migration to the Inner Boundary

Although 6 out of 13 clumps migrate through the inner
boundary without gap opening and tidal destruction, this is

simply because we adopt an inner boundary that is located
at ∼2.5–10 AU, so the ultimate fate of these clumps is not
known. Some illustrative cases are shown in Figure 11, and are
described in Table 1. There is one gap-opening case and one tidal
destruction case occurring close to 10 AU, as shown in Figures 9
and 10, showing that both gap opening and tidal destruction can
occur at small radii. With a smaller inner boundary, we would
clearly expect more clumps to open gaps or be tidally destroyed
as they migrate into the inner disk. It is unclear if any clump
can survive migration all the way to the central star. The naive
timescale arguments given above seem to suggest that the clump
may be subject to tidal destruction at smaller radii due to the fact
that the migration timescale decreases significantly at smaller
radii with bigger clump mass (M−1

c ), while the cooling timescale
increases with bigger clump mass (M0.5

c or independent of clump
mass). We note that when the clump mass exceeds the local
disk mass the migration slows down, and the migration time
increases with clump mass as indicated by Equation (18). Also,
because the clump central temperature is almost always above
1500 K when it migrates to the inner disk (see the bottom panels
in Figures 9, 10, and 11), the clump becomes dynamically
unstable and should collapse to form a second core (subject
to overcoming the angular momentum barrier provided by its
spin). It will shrink considerably, leaving the final fate of the
clump unclear. Further accretion may lead to gap formation
and slowed migration, increasing the survival probability of the
clump.

From a statistical point of view, however, we might expect a
fragmenting disk to form a binary or multiple star system. If a
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3180 D. Forgan and K. Rice

Figure 9. Left: the distribution of core masses after 106 years of evolution. Right: the relative frequency of each object type formed in the population synthesis
model.

Figure 10. Embryo mass versus semimajor axis for pκ = 1, with a disc that does not truncate after fragmentation. The left-hand panel shows the initial
fragment mass–semimajor axis distribution, with the colour bar indicating the time-scale on which grains will sediment once sufficiently grown. 205 184 disc
fragments were produced in this run. The right-hand panel shows the final distribution after 106 years. Of the fragments produced, only 74 430 survived the
tidal downsizing process, and 7378 were able to form solid cores. The colours in this plot indicate the mass of the core in Earth masses. The left-hand panel
shows the initial fragment mass–semimajor axis distribution, with the colour bar indicating the time-scale on which grains will sediment once sufficiently
grown.

all objects which possess a core possess a massive envelope. With
migration occurring immediately after fragmentation, many more
objects reach the inner disc boundary, producing a small population
of Hot Jupiters and close BD companions. Core formation is sup-
pressed compared to the other pκ = 1 runs: cores form in 10 per cent
of surviving embryos compared to around 40 per cent in the other
pκ cases.

The mass distribution of the objects (left-hand panel of Fig. 11)
remains relatively unchanged from initial to final, forming large
numbers of objects up to 100 MJup. The two modes of the dis-
tributions are generated by the spacing of the fragments as they
form in the disc (with some broadening of the peaks due to the
uniform sampling of the spacing in Hill radii described in earlier
sections).

This population is very much a stellar population. The brown
dwarf desert is less significant (right-hand panel of Fig. 11), and
few objects survive with semimajor axis larger than 60 au.

The core mass distribution (left-hand panel of Fig. 12) also
reflects the initial mass distribution. Less than 10 per cent of all
surviving objects have cores (right-hand panel of Fig. 12), and
nearly 90 per cent of all the objects are brown dwarfs (or low-mass
stars).

4 D ISCUSSION

4.1 Limitations of the model

We readily admit that this model, while detailed in construction,
still lacks some important physics, which we hope to include in
future work.

4.1.1 Accretion of mass and angular momentum by the embryo

Perhaps the most glaring omission from this population synthe-
sis model is accretion of material on to the embryos after frag-
mentation. As the semi-analytic disc model is evolved without the
presence of fragments, modelling subsequent mass-loss from the
disc on to embryos is not possible. The embryo should be able
to accrete provided it does not open a significant gap, which it
will do if (a) its Hill radius exceeds the local disc scale-height
and (b) the clump is sufficiently massive to overcome the local
Reynolds turbulence (Lin & Papaloizou 1979). For almost all frag-
ments formed, this criterion is easily satisfied initially. However,
as the embryo migrates inwards, the Hill radius decreases, and
the embryo’s mass also decreases due to tidal disruption. The gap
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Figure 6. Left: the distribution of core masses after 106 years of evolution. Right: the relative frequency of each object type formed in the population synthesis
model.

Figure 7. Embryo mass versus semimajor axis for pκ = 2, with a disc that truncates at 50 au after fragmentation. The left-hand panel shows the initial
fragment mass–semimajor axis distribution, with the colour bar indicating the time-scale on which grains will sediment once sufficiently grown. 530 488 disc
fragments were produced in this run. The right-hand panel shows the final distribution after 106 years. Of the fragments produced, only 22 637 survived the
tidal downsizing process, and 2292 were able to form solid cores. The colours in this plot indicate the mass of the core in Earth masses. The left-hand panel
shows the initial fragment mass–semimajor axis distribution, with the colour bar indicating the time-scale on which grains will sediment once sufficiently
grown.

Figure 8. Comparing the initial (blue lines) and final (red bars) distributions of embryo mass (left) and embryo semimajor axis (right).

now, we have assumed that the fragmentation process truncates the
disc, which allows embryos to evolve their physical radius and dust
population before the disc can undergo viscous spreading, extending
its outer radius until it encroaches upon their orbital domains, and
begin the migration process.

In this run, we do not truncate the disc at fragmentation. The disc
can therefore begin migrating the embryos immediately, decreas-

ing the Hill radius of the embryos precipitately and significantly
increasing the rate of disruption. As the pκ = 2 run already shows a
high destruction rate, we reset pκ to 1 to assess the significance of
disc truncation.

Fig. 10 shows the initial and final mass versus semimajor axis
distributions, which indicate that removing disc truncation has a
significant effect. Again, there are no terrestrial-type objects, and
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Figure 4. Embryo mass versus semimajor axis for pκ = 1, with a disc that truncates at 50 au after fragmentation and migration time-scales increased by a
factor of 10. The left-hand panel shows the initial fragment mass–semimajor axis distribution, with the colour bar indicating the time-scale on which grains
will sediment once sufficiently grown. 202 385 disc fragments were produced in this run. The right-hand panel shows the final distribution after 106 years. Of
the fragments produced, only 92 295 survived the tidal downsizing process, and 40 571 were able to form solid cores. The colours in this plot indicate the mass
of the core in Earth masses.

Figure 5. Comparing the initial (blue lines) and final (red bars) distributions of embryo mass (left) and embryo semimajor axis (right).

populated than before. Some objects still migrate to the disc inner
boundary, but in much fewer numbers than before. The sedimen-
tation time-scale for the fragments remains the same, so the cores
produced are very similar to the previous case. With the ratio be-
tween sedimentation and migration time-scale being reduced by a
factor of 10, the formation of solid cores before disruption is some-
what easier. Indeed, this run shows the only example of a terrestrial
planet being formed in the simulation, with mass less than 1 M⊕ at
a semimajor axis of 1 au.

The embryo mass distribution (Fig. 5, left-hand panel) remains
relatively unchanged, but the semimajor axis distribution (right-
hand panel) shows an even larger desert, with few objects ending
up inside 20 au.

The core mass distribution (left-hand panel of Fig. 6) is again
very similar as the sedimentation behaviour is unchanged. Brown
dwarfs still dominate the population (right-hand panel of Fig. 6),
followed closely by cored objects.

3.3 Opacity law index pκ = 2 (truncated disc)

In this run, we now allow migration to be efficient, and truncate
the disc at fragmentation, but change the opacity law so that it
scales with the square of the temperature. This significantly in-
creases the cooling time of the embryo, which will have important

consequences for the population produced. Fig. 7 shows the initial
and final mass versus semimajor axis distributions for this run.

The inefficient cooling of the embryo results in a greatly increased
destruction rate – over 95 per cent of the fragments produced in this
run are destroyed. Only the most massive objects survive, and there
are only a handful that survive in the inner disc. This is reflected in
the mass and semimajor axis distributions (Fig. 8).

Perhaps most worrying are the extremely large solid core masses
produced in this run (left-hand panel of Fig. 9). The mode of this
distribution is around 200 M⊕ ∼ 0.5 MJup. Note that these very
large cores only exist in massive gaseous embryos – there are no
terrestrial-type objects (i.e. solid cores without gaseous envelopes).
These anomalously large cores are suggestive of missing physics
from the model (see Section 4).

The inefficiency of embryo cooling only allows massive objects
to remain bound without becoming disrupted, and as a result cores
form very rarely in this run (only around 10 per cent of all surviving
objects). The other 90 per cent form brown dwarfs – indeed, some
are massive enough to form hydrogen-burning low-mass stars with
masses ∼0.1 M⊙.

3.4 Opacity law index pκ = 1 (no disc truncation)

We have seen in the previous runs that the migration of the embryos
strongly determines their mass and semimajor axis evolution. Until
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Figure 1. Embryo mass versus semimajor axis for pκ = 1, where the disc truncates at 50 au after fragmentation. The left-hand hand panel shows the initial
fragment mass–semimajor axis distribution, with the colour bar indicating the time-scale on which grains will sediment once sufficiently grown. 256 424 disc
fragments were produced in this run. The right-hand panel shows the final distribution after 106 years. Of the fragments produced, only 116 150 survived the
tidal downsizing process, and 50 543 were able to form solid cores. The colours in this plot indicate the mass of the core in Earth masses. The disc model’s
inner boundary is fixed at 0.1 au, and as such objects cannot cross this boundary.

At every timestep, the grain sphere is tested to check if it is self-
gravitating, or self-bound. Grain spheres that are self-gravitating use
the accelerated sedimentation equation, and grain spheres smaller
than the Jeans length are considered to be self-bound, and immedi-
ately form solid cores.

Throughout this grain growth process, the embryo’s central tem-
perature is monitored. If the embryo exceeds temperatures of 180 K
before core formation, the ice mantles are melted, and two-thirds
of the solids mass is deducted from the embryo. If the tempera-
ture exceeds 1400 K, the dust is vaporized and core formation is
completely halted. Embryos with temperature above 2000 K enter
the second core phase and are assigned final radii according to the
mass–radius relation of Burrows et al. (1997).

As the embryo migrates inwards, it will begin the process of
tidal disruption. Instead of immediately stripping the embryo, the
embryo’s upper layers are removed more gradually over the course
of one orbital period, beginning at time tstrip with the radius decaying
exponentially to its Hill radius RH according to

R(t) = R(tstrip) −
(
R(tstrip) − RH

)

(
1 − exp

((
t − tstrip

)
"

2π

))
. (52)

The mass M of the embryo is then updated assuming the embryo
remains a polytrope of index 3/2. If the new embryo radius is less
than the grain sphere radius, then the total mass in solids is also
reduced by an appropriate amount.

3 R ESULTS

To investigate the dependence on initial input parameters, we run the
population synthesis model with several different configurations.

(i) Setting pκ = 1, and using disc models which initially extend
to a radius randomly selected between 50 and 100 au, and are then
immediately truncated to 50 au after fragmentation has occurred.

(ii) As (i), except that the migration time-scales are uniformly
increased by a factor of 10, i.e. migration is 10 times slower.

(iii) As (i), except pκ = 2.

(iv) As (i), except the disc models extend to 100 au, and are not
truncated after fragmentation.

Every disc system is run for at least 1 Myr, to ensure the full span
of disc and embryo evolution is observed.

3.1 Opacity law index pκ = 1 (truncated disc)

The left-hand panel of Fig. 1 shows the mass–semimajor axis dis-
tribution of the embryos at the point of fragmentation. As expected,
the embryos initially occupy mass ranges above a few MJup, and
fragmentation does not occur at small a. As some of the discs are
quite massive and cool, the fragmentation radius can be as low as
20 au. The colour bar indicates the grain sedimentation time-scale
for the embryos, which in the majority of cases is relatively short
(<200 yr). If the grains can grow sufficiently quickly that sedimen-
tation can begin before vaporization and disruption, core formation
seems possible for many of the embryos.

However, the rapid temperature evolution of the embryos, cou-
pled with tidal disruption beginning almost immediately after frag-
mentation, tends to prevent core formation. The right-hand panel
of Fig. 1 shows the mass–semimajor axis distribution of the frag-
ments formed in the population synthesis model after 1 Myr. Note
that most embryos do not possess a solid core, and are sufficiently
massive to be considered brown dwarfs. The disc inner boundary is
located at 0.1 au, and as such all objects which reach this location
without being tidally disrupted are not evolved any further.

There is a lack of objects at semimajor axes below ∼5 au –
somewhat consistent with the ‘brown dwarf desert’ (Halbwachs
et al. 2000; Marcy & Butler 2000) – which can be seen in the right-
hand panel of Fig. 2. Generally, objects above the brown dwarf
mass limit exist at semimajor axes >20 au, showing that in situ
formation of brown dwarfs via fragmentation remains viable in
the tidal downsizing paradigm, in agreement with recent numerical
simulations (Stamatellos & Whitworth 2009; Kaplan, Stamatellos
& Whitworth 2012).

If we consider both histograms in Fig. 2, we can see that attrition
of the embryo thanks to tidal disruption, and the loss of embryos
through migration strongly shapes the final statistics of the objects.
Around 40 per cent of all embryos formed are lost – as the mass of
the embryo decreases during the disruption process, the migration
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GI populations synthesis mostly produces brown dwarfs. Tidal 
disruption requires very fine tuning
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THE RUNTS OF THE LITTER?
(KRATTER ET AL, 2010B)
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A Faint Companion to the Star ζ Vir 3

TABLE 2
Observations and Astrometric Distance Between Primary and companion for the ζ Vir System

Epoch MJD Wavelength Observing Method Separation (mas) PA (degrees East of North)

1) 53168.2839 H-band Lyot Coronagraph 1846 ± 9 144.7 ± 0.1
2) 53507.3742 J , H, K-bands Lyot Coronagraph 1830 ± 3 146 ± 1.0
3) 54257.5378 J , H, K-bands Lyot Coronagraph 1814 ± 16 147.4 ± 0.1
4) 54657.1548 1.1 - 1.8 µm (IFS) APLC + IFS 1790 ± 12 149.8 ± 0.1
5) 54904.4445 1.1 - 1.8 µm (IFS) APLC + IFS 1779 ± 12 151.0 ± 0.2

mas on the sky and a dispersing prism provides a spectral
resolution (λ/∆λ)∼32.
The IFS focal plane consists of 4×104 spectra that are

formed by dispersing the pupil images created by each
microlens. To build a data cube, the data pipeline uses a
library of images made in the laboratory with a tunable
laser, which spans the operating wavelength band of the
instrument. Each image contains the response of the
IFS to laser emission at a specific wavelength—a matrix
of point spread functions. Each laser reference image
is effectively a key showing what regions of the 4 × 104

spectra landing on the detector correspond to a given
central wavelength. Each laser reference image is cross
correlated with the focal plane spectra to extract each
wavelength channel.
The pixel scales for each instrument were calculated

at by imaging four binary stars (HIP107354, HIP171,
HIP88745, and WDS11182+3132) with high quality or-
bits with small astrometric residuals (Hartkopf et al.
2001). The pixel scale is calculated by performing a least
squares fit between these predicted separations and the
pixel separation in our data.

3. THE COMPANION

Here we report the discovery of a faint stellar compan-
ion to ζ Vir, hereafter ζ Vir B. The discovery image is
shown in Figure 1. To our knowledge, the existence of
this companion has not been reported previously.

3.1. Common Proper Motion Analysis

The astrometric measurements for the pri-
mary/companion separation are presented in Table 2.
For the first and third epochs, the astrometric positions
of the two stars were obtained from images in which the
primary star was occulted. In these cases, a centroid
to each PSF was calculated as part of a best fit radial
profile measurement. With coronagraphic imaging,
the exact position of the occulted star is difficult to
determine. The uncertainty can be estimated using
binary stars, in which one of the binary members
is occulted (Digby et al. 2006). For all but the first
epoch, we used a physical mask with a superimposed
grid (Sivaramakrishnan & Oppenheimer 2006), which
produces fiducial reference spots indicating the position
of the host star to within ∼10 mas. The second, fourth
and fifth epochs contained fully unocculted data with
sufficiently high signal-to-noise to measure the position
of both the primary and the companion. ζ Vir A, listed
as a high-proper motion star, has a proper motion of
283 mas yr−1 (Perryman et al. 1997). If these two
objects were not associated with each other, we could
expect a ∼1.35′′ change in separation over the 4.75 year
course of observations. Instead, we report a ∼200 mas

Fig. 1.— A 60 s H-band (1.65 µm) image of the the star ζ
Vir taken on 2004 June 12 (UT) at the AEOS telescope. In this
discovery image, the adaptive optics system is on, and the star
has been coronagraphically occulted behind our 455 mas occulting
mask. A faint stellar companion, ζ Vir B, 7 magnitudes fainter
than the host star and sharing common proper motion with the
host star, is apparent at the bottom left of the image.

southwesterly change in the position of the companion
(see Figure 2) relative to the host star. Since the relative
separation between the host star and the companion is
far less than the ∼1.35′′ change in separation if the two
were not mutually bound, we are confident that these
two objects share common proper motion. Moreover,
this westerly change reflects the orbital motion of ζ Vir
B over the 4.75 year observing baseline.

3.2. Photometry

Aperture photometry of the companion was performed
on images from the Lyot Project in which ζ Vir was oc-
culted behind our coronagraphic mask. The flux was
summed in apertures of radii of 270 mas, 340 mas, and
300 mas, for the J , H , and K-band images respectively,
followed by sky subtraction. Zeropoints for the J , H
and K data were derived by performing large (760 mas)
aperture photometry on unocculted, unsaturated images
of ζ Vir A taken immediately prior to the occulted ob-
servations. We calculate J , H , and K-band photomet-
ric zero points of 20.990 ± 0.017, 20.639 ± 0.078, and
19.932±0.069, respectively. Assuming a distance of 22.45
pc (Perryman et al. 1997), Table 3 shows our calculated
absolute J , H , and K-band magnitudes of 8.99 ± .06,
8.41± .14, and 8.14± .17, respectively for ζ Vir B.

Fig. 1.— Direct image of HR7672B in the Kp filter taken on May 15, 2011 UT with NIRC2 at Keck. (left)
Single image prior to PSF subtraction. The companion is located inside of the quasi-static speckle halo though
discernible in individual frames. (right) Processed image using the ADI technique and LOCI algorithm. The
companion is detected at 36σ with 450 seconds of integration time. The inset subimage displays a cutout
of the central region when our speckle suppression algorithm uses all available ADI frames but avoids PSF
subtraction over the coronagraphic spot. The stellar Airy pattern is clearly visible facilitating astrometric
measurements. We use data sets both with and without PSF subtraction to calculate the companion position
relative to the star. This most recent observation doubles the astrometric time baseline.

tector. The spot is partially transmissive and thus
allows us to accurately measure the companion
separation and position angle. Our initial data set
consisted of 20 frames recorded using the narrow
camera in position-angle mode (15 with the Kp fil-
ter and 5 with the H filter). Although difficult to
identify in a single exposure without prior knowl-
edge of its approximate location, the majority of
our raw frames did reveal the companion (Fig. 1).

To further isolate the signal of HR7672 B
from residual scattered starlight, we also ob-
tained a 30 frame sequence with the Kp filter
using the angular differential imaging (ADI) tech-
nique (Marois et al. 2006). The parallactic angle
changed by 12.7◦ during this second sequence of
images, providing sufficient angular diversity to
remove the speckles and keep light from the com-
panion (Lafrenière et al. 2007). Fig. 1 displays
our high-contrast images before and after speckle
suppression.

We measured the position of HR7672B relative
to the primary star in each data set (Kp with-

out ADI, H without ADI, and Kp with ADI).
The companion and stellar PSF core were fitted
with a Gaussian function using least-squares it-
eration to find the astrometric centroid position
in each processed frame. We correct for differen-
tial geometric distortion (warping) using the pub-
licly available code provided by the Keck NIRC2
astrometry support webpage. Adopting a plate
scale value of 9.963± 0.006 mas pix−1 and instru-
ment orientation relative to the sky of 0.13◦±0.02◦

east of north, as measured by Ghez et al. (2008),
we find a companion separation and position an-
gle of 519± 6 mas and 147.1± 0.5◦ respectively.2

HR7672B orbits in a clock-wise direction and is
now significantly closer to its host star compared
to the discovery epoch.

To estimate the uncertainty in our measure-

2This result is consistent with the values (9.94 ± 0.05 mas
pix−1 and 0.0± 0.5◦) provided by the observatory. NIRC2
was not opened nor temperature cycled between 2003-2011,
including the dates of our imaging observations (R. Camp-
bell 2011, private communication).

4

– 20 –

Fig. 1.— Images of HD 1160 A, B, and C over twelve epochs from 2002 to late 2011. The VLT

NACO data were taken as calibration data for science programs targeting other objects, and in

some cases HD 1160 B is detected at low S/N. Each image was rotated to place North up and East

to the left and has the same field of view, 2.7”× 6.5”.

Nielsen et al 2012 

P. Delorme et al.: Direct imaging of a 12-14 MJup object orbiting a M-dwarf binary system

Table 1. Summary of the NACO (VLT-UT4) observations
of 2M0103AB (RA=01:03:35.63; Dec=-55:15:56.1).

UT Date Filter Exp. time Comments
L⇤ 32�200�0.2=1280s Seeing:

2012-11-25 KS 8�20=160s 0.7⇤⇤-0.8⇤⇤

H 8�20=160s Airmass:
J 4�5=20s 1.16-1.25

2002-10-28 H 5�10�2=100s Archive data

Fig. 1. 2MASS0103(AB)b in November 2012, with NACO
in L⇤ band. The green arrow shows the position of the com-
panion in 2002. The light-blue circle identifies the expected
position of the companion if it had been a background
source.

ESO archive NACO H-band images of 2M0103, obtained
in October 2002 (run 70.D-0444(A)). These early images
were acquired in field tracking and with poor adaptive
optics correction. We stacked the best 50% of the frames,
for which the central binary was resolved, totalling 100s
exposure time on target.

We used the IPAG-ADI pipeline as described in Delorme
et al. (2012) to reduce the frames (bad pixel interpola-
tion, flat, recentring, derotation and stacking). Although
both the secondary component and the companion appear
clearly after a simple stack of all exposures (see Fig.1), we
performed ADI (Marois et al. 2006) and LOCI (Lafrenière
et al. 2007) star subtraction procedures to detect eventual
other companions. None was detected was detected down
to a contrast of ⇤7.5 magnitudes at 0.5⇤⇤, resulting in a de-
tection limit of ⇤2.5 MJup at 25 AU for an age of 30 Myr
(see discussion below).

2.2. Host star properties

The primary star 2MASS J01033563-5515561 was identi-
fied as part of a survey designed to identify new, later than
M5 candidate stars and brown dwarfs to the young, nearby
moving groups and associations Beta Pictoris, TW Hydrae,

Tucana-Horologium (THA), Columba, Carina, Argus and
AB Doradus (ABDMG) (Torres et al. 2008). The details
of this analysis will be presented in Gagn et al. (in
prep.), but the principle is to identify promising candidate
members to these moving groups using astrometry, proper
motion and photometry from a correlation of 2MASS and
WISE catalogs, with a modified version of the Bayesian
analysis described in Malo et al. (2013). One of the first
robust candidates identified in this project is 2MASS
J01033563-5515561, which we have followed with GMOS-S
at Gemini South to obtain the optical spectra. This
spectrum matches a M5.5/M6 spectral-type and shows
strong H-alpha emission at 656 nm, with an equivalent
width of 10.23±0.55Å. No nearby X-ray source was found
in the ROSAT archive (Voges et al. 1999), indicating the
target is not a strong X-ray emitter. In parallel to this,
we have obtained a trigonometric distance, of 47.2±3.1 pc
for this object (A. Riedel, private communication, using
the CTIO 0.9m through the CTIOPI program, using 49
R-band images taken on 11 nights between October 26th,
2007 and November 13th, 2012, and reduced using methods
from Jao et al. (2005); Riedel et al. (2011). The complete
parallax analysis for 2M0103, together with many other
objects, will be published in Riedel et al., in preparation.
During the NACO runs described earlier, we have also
noticed the primary is in fact a binary with a flux ratio of
0.8 in the L⇤ band. Taking into account this binarity and
the trigonometric distance, we find Bayesian probabilities
of 99.6% and 0.4% for membership to THA and ABDMG
respectively. The field hypothesis has a probability of
10�14. 2M0103AB is therefore a strong candidate member
of the Tucana-Horologium association, aged ⇤30 Myr
(Torres et al. 2008).
We must stress that those probabilities are not absolute
ones in the sense that even a sample of candidates with a
100% Bayesian probability will contain a certain number of
false-positives. Follow-up observations of robust candidates
in Malo et al. (2013) have shown that the false-positive rate
is 10% for candidates without parallax in THA. Though
the membership analysis in our study is not exactly the
same, the risk of a false positive is very low, especially
because we do have a parallax measurement, meaning that
2M0103AB is very probably a bona-fide member of THA
We will assume in the following that the 2M0103 system is
aged 30 Myr.

According to BT-Settl 2012 isochrones (Allard et al.
2012; Bara�e et al. 2003), and assuming a distance of
47.2±3.1 pc and an age of 30 Myr, 2M0103AB is a low
mass binary with masses of [0.19;0.17]±0.02 M⇥ for [A;B]
respectively, see table 2. The projected separation between
A and B was 0.26±0.01⇤⇤ in 2002 and 0.249±0.003⇤⇤ in 2012.
The projected distance was around 12 AU at both epochs,
but the position angle changed significantly, from 71.2o in
2002 to 61.0o in 2012

2.3. Proper motion analysis: a bound companion

During our November 25th, 2012, L⇤ band NACO observa-
tions of 2M0103 (run 090.C-0698(A)), we identified a can-
didate companion with a separation of 1.78⇤⇤ and a position
angle of 339.3o from the primary 2M0103A. Even if contam-
ination by background objects is relatively low in L⇤ band
compared to shorter wavelength (see Delorme et al. 2012),
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THANKS FOR YOUR 
ATTENTION

• Basic parts of classic core accretion:

• Dust grains coagulate to sizes 
larger than the ISM (mm, cm, m?)

• Planetesimals form with some 
size distribution (km-500km)

• Planetesimals grow into planet-
cores via gravity-assisted 
collisions

• Planetary cores sometimes 
accrete gaseous atmospheres

• Updated parts of core accretion:

• Dust grains grow early (Najita & Kenyon 
2014, Andsell+ 2016) to at least cm sizes 
aided by pressure traps

• Planetesimals form via Streaming Instability 
with range of sizes (up to ~500km) (Youdin 
& Goodman 2005, Simon et al 2016)

• Planetesimals accrete substantial mass from 
“pebbles,” not just other planetesimals 
(Ormel & Klahr 2010, Lambrechts & 
Johansen 2012)

• Planetary cores sometimes undergo gas 
accretion, fed by circumplanetary disk (Zhu 
2016)


